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Imaging and Photometry	
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(Many slides today c/o 
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Imaging and Photometry	

•  Now essentially always done with imaging arrays (e.g., 

CCDs); it used to be with single-channel instruments	

•  Two basic purposes:	


1.  Flux measurements (photometry)	

•  Aperture photometry or S/N-like weighting	

•  For unresolved sources: PSF fitting	

•  Could be time-resolved (e.g., for variability)	

•  Could  involve polarimetry	

•  Panoramic imaging especially useful if the surface 

density of sources is high	

2.  Morphology and structures	


•  Surface photometry or other parametrizations	




What Properties of Electromagnetic 
Radiation Can We Measure?	


•  Specific flux = Intensity (in ergs or photons) per unit 
area (or solid angle), time, wavelength (or frequency), 
e.g., fλ = 10-15 erg/cm2/s/Å - a good spectroscopic unit	


•  It is usually integrated over some finite bandpass (as in 
photometry) or a spectral resolution element or a line	


•  It can be distributed on the sky (surface photometry, 
e.g., galaxies), or changing in time (variable sources)	


•  You can also measure the polarization parameters 
(photometry  polarimetry, spectroscopy  spectro- 
polarimetry); common in radio astronomy	




Real detectors are sensitive over a finite range of λ (or ν). 
Fluxes are always measured over some finite bandpass. 

€ 

F = Fν (ν)dν∫Total energy flux: Integral of fν over 
all frequencies 

Units: erg s-1 cm-2 Hz-1 

A standard unit for specific flux (initially in radio, but now 
more common): 

€ 

1 Jansky (Jy) =10−23  erg s-1 cm-2 Hz-1

fν is often called the flux density - to get the power, one 
integrates it over the bandwith, and multiplies by the area 

Measuring Flux = Energy/(unit time)/(unit area)	




Fluxes and Magnitudes	

For historical reasons, fluxes in the optical and IR are 
measured in magnitudes: 

€ 

m = −2.5log10 F + constant

If F is the total flux, then m is the bolometric magnitude. 
Usually instead consider a finite bandpass, e.g., V band. 

fλ 

e.g. in the V band (λ ~  550 nm):  

€ 

mV = −2.5log10 F + constant

flux integrated over the range 
of wavelengths for this band λ 



Some Common 
Photometric 

Systems ���
(in the visible)	


Johnson 	


Gunn/SDSS	

â	




There are 
way, way 
too many 
photometric 
systems out 
there …	


(Bandpass curves 
from Fukugita et 
al. 1995, PASP, 
107, 945) 	




… and more …	

… and more …	

… and more …	




Using Magnitudes 
Consider two stars, one of which is a hundred times 
fainter than the other in some waveband (say V). 

€ 

m1 = −2.5logF1 + constant
m2 = −2.5log(0.01F1) + constant

= −2.5log(0.01) − 2.5logF1 + constant
= 5 − 2.5logF1 + constant
= 5 + m1

Source that is 100 times fainter in flux is five magnitudes 
fainter (larger number). 
Faintest objects detectable with HST have magnitudes of  
~ 28 in R/I bands.  The sun has mV = -26.75 mag 



Magnitude Zero Points	

fλ	


λ	


Vega = 
α Lyrae	


Alas, for the standard UBVRIJKL…	

system (and many others) the	


magnitude zero-point in any band	

is determined by the spectrum	


of Vega ≠ const!	


U B V R I 

Vega calibration (m = 0):  at λ = 5556: 	
 fλ = 3.39 Í10 -9 erg/cm2/s/Å	

fν = 3.50 Í10 -20 erg/cm2/s/Hz	

Nλ = 948 photons/cm2/s/Å	
A more logical system is ABν	


magnitudes:  	
ABν = -2.5 log fν [cgs] - 48.60	




Photometric Zero-Points (Visible)	


(From Fukugita et al. 1995)	




Magnitudes, A Formal Definition	


e.g.,	
 Because Vega  (= 
α Lyrae) is 

declared to be 
the zero-point! 
(at least for the 

UBV… system)	




Defining	

effective	

wavelengths	

(and the	

corresponding	

bandpass	

averaged	

fluxes)	




The Infrared Photometric Bands 	

… where the atmospheric transmission windows are	




Infrared Bandpasses	




Infrared Bandpasses	




Colors From Magnitudes 	

The color of an object is defined as the difference in the 

magnitude in each of two bandpasses: e.g. the (B-V) 
color is: B-V = mB-mV 

Stars radiate roughly as  
blackbodies, so the color  
reflects surface temperature. 

Vega has T = 9500 K, by  
definition color is zero. 



Apparent vs. Absolute Magnitudes 
The absolute magnitude is defined as the apparent mag. 
a source would have if it were at a distance of 10 pc: 

It is a measure of the luminosity in some waveband. 
For Sun:    M¤B = 5.47, M¤V = 4.82, M¤bol = 4.74 

Difference between the 
apparent magnitude m and 
the absolute magnitude M 
(any band) is a measure of 
the distance to the source 

€ 

m −M = 5log10
d

10 pc
⎛ 

⎝ 
⎜ 

⎞ 

⎠ 
⎟ 

Distance modulus 

M = m + 5 - 5 log d/pc	




Why Do We Need This Mess?	


An example: the Color-
Magnitude Diagram	

The quantitative 
operational framework 
for studies of stellar 
physics, evolution, 
populations, distances …	


Relative measurements 
are generally easier and 
more robust than the 
absolute ones; and often 
that is enough.	




Photometric Calibration	

•  The photometric standard systems have tended to be zero-

pointed arbitrarily. Vega is the most widely used and was 
original defined with V= 0 and all colors = 0.	


•  Hayes & Latham (1975, ApJ, 197, 587) put the Vega scale 
on an absolute scale.	


•  The AB scale (Oke, 1974, ApJS, 27, 21) is a physical-unit-
based scale with:	


                       m(AB) = -2.5log(f) - 48.60	

          where f is monochromatic flux is in  units of erg/sec/

cm2/Hz. Objects with constant flux/unit frequency interval 
have zero color on this scale	




Photometric calibration	


1.  Instrumental magnitudes	


€ 

m = c0 − 2.5log(I • t)
= c0 − 2.5log(I) − 2.5log(t)

Counts/sec	


minstrumental	




Photometric Calibration	


•  To convert to a standard magnitude you 
need to observe some standard stars and 
solve for the constants in an equation like:	


€ 

minst =M + c0 + c1X + c2(color) + c3(UT) +c4 (color)
2 + ...

Stnd mag	


Instr mag	


zpt	


Extinction coeff 
(mag/airmass)	


airmass	
 Color term	




•  Extinction coefficients:	

–  Increase with decreasing wavelength	

–  Can vary by 50% over time and by some amount during 

a night	

–  Are measured by observing standards at a range of 

airmass during the night	


Slope of this 
line is c1	




Photometric Standards	

•  Landolt (1992, AJ, 104, 336; and 2009, AJ, 137, 4186)	

•  Stetson (2000, PASP, 112, 995)	

•  Gunn/SDSS (Smith et al. 2002, AJ, 123, 2121)	

•  Fields containing several well measured stars of similar 

brightness and a big range in color. The blue stars are 
the hard ones to find and several fields are center on PG 
sources.	


•  Measure the fields over at least the the airmass range of 
your program objects and intersperse standard field 
observations throughout the night.	




Photometric Calibration: Standard Stars	

Magnitudes of Vega (or other 
systems primary flux standards) are 
transferred to many other, secondary 
standards.  They are observed along 
with your main science targets, and 
processed in the same way.	




(Bedin, Anderson, 
King,  Piotto, 2001)  

NGC 6397 

M4 

(King, Anderson,  
Cool, Piotto, 1999) 

We often need to compare 
observations with models, 
on the same photometric 
system 

Low 
metallicity 

Intermediate 
metallicity 

Always, always transform 
models to observational 
system, e.g., by integrating 
model spectra through your 
bandpasses  



Alas, Even The “Same” Photometric 
Systems Are Seldom Really The Same …	




… From mismatches between the effective bandpasses of 
your filter system and those of the standard system. 
Objects with different spectral shapes have different 
offsets:	


This Generates Color Terms …	


A photometric system is thus effectively (operationally) 
defined by a set of standard stars - since the actual 
bandpasses may not be well known.	




Interstellar Extinction	

•  Strongly dependent on the 

bandpass, but also on the 
direction (types of dust)	


•  The easiest approach: look 
it up in Schegel, Finkbeiner 
& Davis (1998, ApJ, 500, 
525)	


•  Useful links at http://
irsa.ipac.caltech.edu/
applications/DUST/docs/
background.html	




The Concept of Signal-to-Noise (S/N)���
or: How good is that measurement really?	


•  S/N = signal/error    (If the noise is Gaussian, we 
speak of 3-σ, 5- σ, … detections.  This translates into a 
probability that the detection is spurious.)	


•  For a counting process (e.g., photons), error = √n, and 
thus S/N = n / √n = √n  (“Poissonian noise”).  This is 
the minimum possible error; there may be other sources 
of error (e.g., from the detector itself)	


•  If a source is seen against some back(fore)ground, then	

     σ2 total = σ2 signal + σ2 background + σ2 other 	




Signal-to-Noise (S/N)	


•  Signal=R*• t    	

                             time	


     detected rate in e-/second	


•  Consider the case where	

 we count all the detected	

  e- in a circular aperture	

  with radius r.	


I	


sky	


r	


r	




•  Noise Sources:	


€ 

R* ⋅ t                   ⇒  shot noise from source

Rsky ⋅ t ⋅ πr
2       ⇒  shot noise from sky in aperture

RN 2 ⋅ πr2        ⇒  readout noise in aperture

RN 2 + (0.5 × gain)2[ ] ⋅ πr2  ⇒  more general RN

Dark ⋅ t ⋅ πr2    ⇒  shot noise in dark current in aperture

R* = e−/sec  from the source
Rsky = e−/sec/pixel from the sky

RN = read noise (as if RN2 e− had been detected)
Dark =  e_ /second/pixel



S/N for object measured in aperture with radius r: npix=# of 
pixels in the aperture= πr2	


€ 

R*t

R* ⋅ t + Rsky ⋅ t ⋅ npix + RN +
gain
2

⎛ 

⎝ 
⎜ 

⎞ 

⎠ 
⎟ 
2

⋅ npix +Dark ⋅ t ⋅ npix
⎡ 

⎣ 
⎢ 

⎤ 

⎦ 
⎥ 

1
2

Signal	


Noise	


€ 

(R* ⋅ t)
2

All the noise terms added in quadrature	

Note: always calculate in e-	


Noise from sky e- in aperture	


Noise from the dark	

current in aperture	


Readnoise in aperture	




Side Issue: S/N      δmag	


€ 

m ± δ(m) = co − 2.5log(S ± N)
= co − 2.5log S 1± N

S( )[ ]
= co − 2.5log(S) − 2.5log(1± N

S )

δm	
m	


€ 

δ(m) ≈ 2.5log(1+ 1
S /N )

=
2.5
2.3

N
S −

1
2 (NS )

2 + 1
3 (NS )

3 − ...[ ]
≈1.087(NS )

Note:in log +/- not 
symetric	


This is the basis of people referring to +/- 0.02mag error as “2%”	


Fractional error	




                            Sky Background	

Signal from the sky background is 
present in every pixel of the 
aperture. Because each instrument 
generally has a different pixel scale, 
the sky brightness is usually 
tabulated for a site in units of mag/
arcsecond2. 	


˝	
(mag/	
 )	

Lunar 
age 

(days)	
 U	
 B	
 V	
 R	
 I	


0	
 22.0	
 22.7	
 21.8	
 20.9	
 19.9	

3	
 21.5	
 22.4	
 21.7	
 20.8	
 19.9	

7	
 19.9	
 21.6	
 21.4	
 20.6	
 19.7	

10	
 18.5	
 20.7	
 20.7	
 20.3	
 19.5	

14	
 17.0	
 19.5	
 20.0	
 19.9	
 19.2	


NaD	
 OH	


Hg	




IR Sky Backgrounds	


I	


108	


105	


102	


1µ                                   10µ                                 100µ	
2µ	


λ-4 Rayleigh scattered sunlight	


273K blackbody	


thermal IR	


(atmosphere, telescopes)	




OH can be resolved	


Zodiacal light	

atmosphere	


IR Sky Backgrounds	




€ 

Scale⇒"/pix                                                        (LRIS - R : 0.218"/pix)

Area of 1 pixel = (Scale)2                                     (LRIS−R : 0.0475"2

this is the ratio of flux/pix to flux/"
 In magnitudes :

              Ipix = I"Scale2                                          I⇒ Intensity (e-/sec)

−2.5log(Ipix ) = −2.5[log(I") + log(Scale2)]

              mpix = m" − 2.5log(Scale2)                        (for LRIS - R :  add 3.303mag)

     and

     Rsky (mpix ) = R(m = 20) ×10(0.4−m pix )

Example, LRIS in the R - band :

 Rsky =1890 ×100.4(20−24.21) = 39.1 e- /pix /sec

R sky = 6.35e- /pix /sec ≈ RN in just 1 second



S/N - some limiting cases. Let’s assume CCD with Dark=0, 
well sampled read noise.	


€ 

R*t

R* ⋅ t + Rsky ⋅ t ⋅ npix + RN( )2 ⋅ npix[ ]
1
2

Bright Sources:	
 (R*t)1/2  dominates noise term	


€ 

S/N ≈
R*t
R*t

= R*t ∝ t
1
2

Sky Limited	


€ 

( Rskyt > 3×RN) :  S/N∝
R*t

npixRskyt
∝ t

Note: seeing comes in with npix term	




What is ignored in this S/N eqn?	


•  Bias level/structure correction 	

•  Flat-fielding errors	

•  Charge Transfer Efficiency (CTE) 0.99999/

pixel transfer	

•  Non-linearity when approaching full well	

•  Scale changes in focal plane	

•  A zillion other potential problems	




Confusion Limit	

•  Flux error due to the fluctuations of 

the number of faint sources in a 
beam (PSF)	

–  Also, astrometric errors	


•  Rule of thumb: confusion becomes 
important at ~ 30 sources/beam	

–  The deeper you go, and the larger the 

beam, the worse it becomes	

–  Cut at s/b ~ 30 may be too optimistic	


•  Typically considered in radio or 
sub-mm, but relevant in every 
wavelength regime	


•  Depends on the slope of the faint 
source counts, d log N / d log S = –β	


Simulated sky images for 
different values of β (from 
Hogg (2007, AJ, 121, 1207) 	




Summary of the Key Points	

•  Photometry = flux measurement over a finite bandpass, 

could be integral (the entire object) or resolved (surface 
photometry)	


•  The arcana of the magnitudes and many different 
photometric  systems … 	


•  Absolute calibration hinges on the spectrum of Vega, and 
a few primary spectrophotometric standards	


•  The S/N computation - many sources of noise, different 
ones dominate in different regimes	


•  Issues in the photometry with an imaging array: object 
finding and centering, sky determination, aperture 
photometry, PSF fitting, calibrations …	



